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ABSTRACT
We examine flash spectroscopy of a circumstellar medium (CSM) ionized by the hard
radiation pulse produced by the emerging shock of a supernova (SN). We first find
that the rise and fall times of the Hα emission constrains the location of the CSM with
a peak at tpeak ≃ R∗
√
2/cvs for a star of radius R∗ and a shock velocity of vs. The
dropping temperature of the transient emission naturally reproduces the evolution of
lines with different ionization energies. Second, for red supergiants (RSGs), the shock
break out radiatively accelerates the CSM to produce broad, early-time line wings
independent of the Thomson optical depth of the CSM. Finally, the CSM recombina-
tion rates in binaries can be dominated by a dense, cool, wind collision interface like
those seen in Wolf-Rayet binaries rather than the individual stellar winds. Combin-
ing these three results, the flash spectroscopy observations of the normal Type IIP
iPTF13dqy (SN 2013fs) are naturally explained by an RSG with a normal, Thomson
optically thin wind in a binary with a separation of ∼ 104R⊙ without any need for
a pre-SN eruption. Similarly, the broad line wings seen for the Type IIb iPTF13ast
(SN 2013cu), whose progenitors are generally yellow supergiants in binaries, are likely
due to radiative acceleration of the CSM rather than a pre-existing, Wolf-Rayet-like
wind.
Key words: stars: massive – supernovae: general – supernovae: individual:
iPTF13dqy
1 INTRODUCTION
Some massive stars appear to know that they are about
to die. They manifest their impending death through out-
bursts that eject significant amounts of mass shortly be-
fore a supernova (SN), where the outbursts are either
seen directly (e.g., Pastorello et al. 2007, Fraser et al. 2013,
Mauerhan et al. 2013, Ofek et al. 2014, Ofek et al. 2016) or
inferred from evidence for a massive circumstellar medium
(CSM) once the SN occurs (e.g., Gal-Yam 2012, Smith
2014). Such systems are relatively rare, and a range of
theoretical models have been proposed to explain the phe-
nomenon (e.g., Quataert & Shiode 2012, Shiode & Quataert
2014, Smith & Arnett 2014, Woosley & Heger 2015, Fuller
2017).
One means of probing the CSM is to use “flash spec-
troscopy” of the CSM shortly after a supernova is discovered
(Gal-Yam et al. 2014,Khazov et al. 2016). The burst of ion-
izing photons created by the SN shock breaking out of the
surface of the star flash ionizes the CSM and the proper-
ties of any narrow emission lines in spectra of the SN taken
before the CSM material can either recombine or be swept
up by the expanding shock probes the density and composi-
tion of the CSM. Groh (2014) and Gra¨fener & Vink (2016)
are able to match the early time spectra using models of
Wolf-Rayet stars, consistent with a CSM photoionized by a
radiation from a shock break out.
The most extensive flash spectroscopy observations are
for the normal Type IIP iPTF13dqy (SN 2013fs, Yaron et al.
2017). Based on the line fluxes and widths, Yaron et al.
(2017) concluded that the CSM density implied a far higher
mass loss rate (M˙ ∼ 10−3M⊙/year) than is typical of red
supergiants. Since the SN also shows no signs of strong CSM
interactions (i.e., radio or X-ray emission) in its later phases,
they also conclude that the dense CSM can only extend to
<∼ 1015 cm. Yaron et al. (2017) argue that the progenitor
must have experienced a short-lived, high-mass loss precur-
sor before exploding and that such precursors must be com-
mon.
As part of our search for failed SNe forming black
holes with the Large Binocular Telescope (LBT, Gerke et al.
2015, Adams et al. 2016), we also obtain high precision light
curves of the progenitors to any successful SNe in the target
galaxies. We have monitored four Type IIP progenitors to
date, finding no evidence for variability down to levels close
to the typical variability of red supergiants (Kochanek et al.
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2017, Johnson et al. 2017). The absence of any visible out-
bursts or evidence of dust formation, which is essentially in-
evitable at high mass loss rates (>∼ 10−4M⊙/year, see, e.g.,
Kochanek 2011), strongly argues that outbursts from the
progenitors of Type IIP SNe are in fact uncommon. This is
further supported by the lack of X-ray emission from normal
Type IIP SNe (e.g., Dwarkadas 2014) although there are ex-
ceptions like SN 2013ej (Chakraborti et al. 2016). One coun-
terargument by Morozova et al. (2017) and Morozova et al.
(2018) is that a period of enhanced mass loss shortly before
explosion would help to explain the shapes of Type IIP light
curves.
This contradiction motivated an investigation into
flash spectroscopy with the goal of better understanding
iPTF13dqy. We investigate three issues, each of which has
general applicability, and then apply them to iPTF13dqy. In
§2 we examine the time evolution of the line fluxes due to
finite light travel times and recombination as the SN cools
and becomes less luminous. We find that the time evolution
of the lower ionization energy lines (e.g., Hα) determines
the location of the emitting material. In §3 we show that
the radiative acceleration of the CSM by the shock break
out radiation from an RSG will produce broad line wings
in early-time spectra independent of the Thomson optical
depth of the CSM. In §4, we show that a radiatively cooling
boundary layer produced by the collision of the winds in a
binary, as seen in some Wolf-Rayet binaries, can produce a
high density region that mimics a high mass loss rate from
a single star.
When we apply these general results to iPTF13dqy, we
come to the conclusion that emission from a wind collision
region provides a more natural explanation of the observa-
tions than a pre-SN eruption. The time evolution of the Hα
emission requires material spanning a wide range of radii
that is also detached from the stellar surface. The effects of
radiative acceleration mean that a Thomson optically thick
CSM is no longer needed. The overall line luminosities still
require denser material than a normal RSG wind, but this
is naturally supplied by a cooling wind collision region. We
summarize both the general and specific conclusions in §5.
Two technical points are discussed in short appendices.
2 THE EVOLUTION OF THE LINE FLUXES
In this section we develop a simple model for the time evo-
lution of the line flux from the flash ionized wind of a star
and then apply it to iPTF13dqy. We assume an initial shock
break out that creates an outward moving shell of ionizing
radiation. We start by assuming that the photoionizing flux
is high enough to maintain complete ionization and then
consider the evolution as the photoionizing flux decreases.
For simplicity, we consider wind densities below the point
where the shock breaks out of the wind rather than the
stellar surface (see, e.g., Chevalier & Irwin 2011). The ex-
panding radiation shell instantaneously ionizes the CSM as
it expands. We will consider time scales on which the finite
thickness of the radiation shell can be ignored. We assume
that ionizing photons produced by recombination are locally
reabsorbed (case B) and the nature of the temporal evolu-
tion allows us to ignore effects such as the production of hy-
drogen ionizing photons by helium recombinations. In fact,
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Figure 1. Recombination light curves for a wind with an inner
edge at a shock radius expanding at vs0 = 104 km/s and an outer
edge expanding at the speed of light, both starting from an initial
radius of R∗. This includes the effect of light travel times but
ignores any shadowing effects (Equations 11 and 12). The points
are the observed Hα light curve from Yaron et al. (2017) and the
curves are normalized to fit the equally weighted observations.
The rise time requires a stellar radius of R∗ ≃ 4000R⊙ , which is
not physically reasonable for a red supergiant.
for this basic analysis we will simply assume that all the
electrons are due to ionized hydrogen.
We are considering a primary with radius R∗ =
1000R3R⊙ and massM∗ = 10M∗10M⊙ producing a ρ ∝ r−2
wind of velocity vw = 100v2 km/s and mass loss rate
rate M˙ = 10−4M˙4M⊙/year. For our concrete examples, we
use the 15M⊙ progenitor model from Woosley et al. (2002),
which has R∗ = 821R⊙ andM∗ = 12.6M⊙ when it explodes.
We assume it explodes with energy ESN = 10
51E51 erg and
has an ejecta mass of Me = 10Me10M⊙. For our concrete
example we adopt E51 = 1 and Me = 11.2M⊙ (i.e., forming
a 1.4M⊙ neutron star).
It is useful to normalize recombination rates by the rate
for an infinite wind extending from the stellar surface,
Γ∞ ≡ αRM˙
2
4πv2wµ2m2pR∗
(1)
where αR is the recombination (or a related) rate and µmp
is the relevant mean particle weight. Exactly what to use for
µ depends on the ionization state of the gas. Since stellar
winds generally have velocities comparable to the escape
velocity of the star (e.g., Lamers & Cassinelli 1999), we can
set the wind speed to be v2w = ξ2GM∗/R∗ where ξ ≃ 1
is a dimensionless number. For our fiducial model, we set
ξ = 1, which makes vw = 76 km/s. In this formulation, the
recombination rate is
Γ∞ =
αRM˙
2
8πξµ2m2pGM∗
= 4.3
α13M˙
2
4
ξµ2M∗10
× 1049 s−1 (2)
where αR = 10
−13α13 cm
3/s. Note that there is little free-
dom to use the wind speed to adjust the mass loss rate for
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Figure 2. Recombination light curves for a R∗ = 821R⊙ star
with a dense wind lying between 1-100R∗ (solid). The dotted
line shows the effect of truncating the wind from the outside (1-
10R∗) or the inside (5-100R∗) and the dashed line shows the
effect of making the wind a shell (5-10R∗). An inner edge of
5R∗ = 4100R⊙ reproduces the rise in the Hα flux well, as ex-
pected from Figure 1. The late time Hα point requires an ex-
tended wind (100R∗ >∼ 6×10
15 cm) rather than a wind truncated
on the scale of 10R∗ ≃ 6 × 1014 cm proposed by Yaron et al.
(2017). The assumptions are otherwise the same as in Figure 1.
a wind arising from a stellar surface – any change in wind
speed is balanced by the implied change in stellar radius.
Equating Γ∞ for Case B Hα emission to the peak Hα flux
of iPTF13dqy (6 × 1050 Hα photons per second) implies a
mass loss rate of
M˙ ≃ 3.7ξ1/2M1/2
∗10
α
−1/2
13
× 10−4M⊙/year. (3)
We therefore adopt M˙ = 10−3.5M⊙/year for our fiducial
models. Yaron et al. (2017) use a rate ∼ 10 times higher
because they assume a much larger (stellar) radius, a point
we will discuss below.
The ionized region of the wind is bounded by the ex-
panding break out pulse and the expanding shock. If the
wind is fully photoionized over the region Rs < R < Rbo,
the recombination rate is
Γ(t)
Γ∞
=
R∗
Rs
(
1− Rs
Rbo
)
. (4)
For the flash ionization problem, the inner and outer radii
of the ionized wind vary with time. The shock break out
pulse has an ionizing photon rate Qbo ≫ Γ∞ and so Rbo
expands by the smaller of the speed of light and vion =
vwQbompM˙
−1. For reasonable parameters, Qbo is so large
that Rbo = R∗ + ct. It does, however, produce a finite num-
ber of ionizing photons, while an infinite 1/r2 wind contains
an infinite number of atoms, so the ionization can only ex-
tend to some maximum radius. This is generally such a large
radius that we can ignore its existence.
The expansion of the shock is more complicated. For
simple models, we will simply treat the shock velocity as
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Figure 3. A space-time diagram showing the evolution of radii
relevant to interpreting flash spectroscopy. A horizontal line shows
the stellar radius R∗ = 821R⊙ chosen to match the 15M⊙ pro-
genitor model of Woosley et al. (2002). Rbo(t) shows the expan-
sion of the ionization wave created by the shock break out ra-
diation pulse, and Rs(t) shows the expansion of the shock. The
diagonal line Rrec(t) shows the radius where the recombination
time equals the elapsed time for the assumed wind properties of
M˙ = 10−3.5M⊙/year and vw = 76 km/s. The curved dotted lines
show, from left to right, the radii Rpi(t, Eγ) to which the current
rate of production of ionizing photons above Eγ can ionize OV,
OIV, HeII/OIII and HI. The radii plunge very rapidly due to
the exponential decline of the ionizing fluxes and then turn and
asymptotically track the shock radius.
a constant, vs = vs0 = 10
4vs4 km/s. This is reasonable at
early times, but at later times the shock will slow and achieve
a self-similar evolution (Chevalier 1982). For this case, we
adopt a shock velocity of
vs =
vs0
1 + (t/ts)1/5
, (5)
which smoothly matches onto the standard self-similar solu-
tion of Chevalier (1982) while removing the divergence1 in
the velocity (vs ∝ t−1/5 →∞ as t→ 0). The time scale
ts =
0.6E2vw
M˙Mev50
= 554
E251vw2
M˙4Me10v5s0,4
days (6)
is determined by matching the self-similar solution to the
assumed early time shock velocity vs0. Based on the ini-
tial expansion rate of the photospheric radius found by
Yaron et al. (2017), vs0 ≃ 20000 km/s, so if we adopt the
wind parameters from above and E51 = 1 we find that
1 As a practical matter, we could have simply ignored the fact
that the velocity diverges since the resulting radius is perfectly
convergent in time. However, this formulation seemed moderately
more physical and was as easy to implement. Within a few R∗ of
the primary, there are additional issues in any case from assuming
vw is constant in the wind acceleration region.
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Figure 4. Recombination rates to OV, OVI, OIII/HeII, HeI and
H relative to Γ∞ as a function of time. The outer envelope is es-
sentially the same as in Figure 1 except the shock is decelerating
to follow the self-similar solution. The recombination rates col-
lapse when the numbers of ionizing photons become too small to
maintain an ionized wind. The model evolves more rapidly than
iPTF13dqy because the fiducial model has R∗ = 821R⊙ while
the data appear to require R∗ ≃ 4000R⊙. These are for the full
numerical calculation including a slowing shock front, recombina-
tion and light propagation effects.
ts = 3.8 days. The shock radius then evolves as
Rs(t) = R∗ +
5
12
tsvs0 × (7)[
3tˆ4/5s − 4tˆ3/5s + 6tˆ2/5s − 12tˆ1/5s + 12 ln
(
1 + tˆ1/5s
)]
where tˆs = t/ts. As a short hand that encompasses both
solutions we can describe the shock radius as Rs(t) = R∗ +
〈v〉t where the mean velocity 〈v〉 is simply a constant or the
more complex expression implied by Equation 8.
Given these definitions, Equation 4 becomes
Γ(t)
Γ∞
=
[
1− 〈v〉
c
] [
R∗
R∗ + 〈v〉t
] [
t
t+ t∗
]
(8)
where t∗ = R∗/c is the light travel time across the star. The
competition between the addition of newly ionized material
by the expanding radiation front and the absorption of ion-
ized material into the shocked layer leads to a peak in the
recombination rate. For the case where 〈v〉 = vs0 is constant,
the recombination rate peaks at
Γpeak
Γ∞
=
1− vs0/c
1 + vs0/c
(9)
when tpeak = R∗/
√
cvs0. The peak recombination rate is
close to that for a fully ionized wind, with Γpeak/Γ∞ =
0.97, 0.94 and 0.88 for vs0 = 5000, 10000 and 20000 km/s,
respectively. For these same velocities, the peak occurs at
tpeak = 7.8, 5.5 and 3.9t∗.
The observer does not see this light curve because of
light travel times. Light emitted at radius r and polar angle
θ is delayed by r(1− cos θ)/c relative to emission along the
10 100
-2.5
-2
-1.5
-1
-0.5
10 100
Figure 5. Evolution of the line peak velocity, |vp|/v∗ (dot-
ted), mean velocity, 〈v〉/v∗ (solid) and velocity dispersion, σ/v∗
(dashed) for shock velocities of β = vs/c = 0.01, 0.03 and 0.1.
Time is in units of the stellar light crossing time R∗/c with a
conversion to hours for our fiducial stellar radius at the top. The
line peak and mean velocity are both blue shifted. Higher shock
speeds reduce the mean velocity and velocity dispersion but have
little effect on the velocity of the peak unless the shock velocity
is still higher than the velocities shown here.
line of sight to the star (θ = 0). The observed radius of a
shell expanding at velocity v and observed at time to is
R(v) =
R∗ + vto
1 + v(1− cos θ)/c , (10)
where an observer first receives emission from the surface
at time (R∗/c)(1− cos θ). This must be accounted for when
to < 2R∗/c. To compute the evolution of the recombina-
tion rates, one can either integrate between Rs = R(vs) and
Rbo = R(c), or, the problem can be expressed in parabolic
coordinates, one of which simply corresponds to the time de-
lay (see Appendix A). For a decelerating shock, a reasonable
approximation is to use vs = (Rs − R∗)/t = 〈v〉, neglecting
any velocity changes over the time Rs/c it takes light to
cross the shock.
In particular, for a constant shock velocity, the integrals
can be done analytically to yield
Γ(t)
Γ∞
=
[
1− vs0
c
] [
R∗
R∗ + vs0t
] [
t2
4t∗ (t+ t∗)
]
(11)
for t < 2t∗ and
Γ(t)
Γ∞
=
[
1− vs0
c
] [
R∗
R∗ + vs0t
] [
t− t∗
t+ t∗
]
(12)
for t > 2t∗. The light curve peak now occurs at
tpeak =
R∗√
cvs0
[√
2
(
1 +
vs0
c
)1/2
+
(
vs0
c
)1/2]
≃
√
2R∗√
cvs
.(13)
Adding the time delays smooths and delays the peak of the
emission. The peak recombination rate, which has no useful
analytic form, drops to Γpeak/Γ∞ = 0.72, 0.64 and 0.55 for
c© 0000 RAS, MNRAS 000, 000–000
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vs0 = 5000, 10000 and 20000 km/s, and the time of the peak
lengthens to tpeak = 12.0, 8.9 and 6.7t∗.
These results ignore any shadowing effects of the ex-
panding shock. If we shadow the region with a projected
radius of Rs behind the shock, the factor of 1 − Rs/Rbo in
Equation 2 is replaced by
1
2
[
1− Rs
Rbo
+
1
2
cos−1
Rs
Rbo
− 1
2
Rs
Rbo
(
1− R
2
s
R2bo
)1/2]
. (14)
This does not include the effects of light travel times to
the observer. When Rbo → Rs, exactly half the emission is
shadowed and the factor equals 1/2. It then increases to (4+
π)/8 ≃ 0.89 as Rs/Rbo → 0. In practice, shadowing does not
play an important role in the evolution of the line flux except
at very early times. For example, for R∗ = 1000R⊙ and vs =
104 km/s, the factor changes by only 3% (0.861 to 0.889)
between 0.1 and 10 days. For R∗ = 4000R⊙, it changes
by 11% (0.798 to 0.888), mostly over the first few hours.
Shadowing is important for the shape of the line profiles, as
we discuss in §3.
This analysis shows that the time of the peak emission
(Equation 13) should be a good measure of the radius of the
progenitor star. There is a weak dependence on the shock
velocity, but this can be constrained either by spectra of
the shocked emission or the initial photospheric expansion
rate. This assumes that the tracer is fully ionized at the time
of the peak, which will generally be true of hydrogen (see
below). The observed peak recombination rate is somewhat
lower than for the fully ionized wind, but estimates of the
wind density, M˙ ∝ (Γ∞/Γpeak)1/2, will be little affected
given other uncertainties.
This brings us to the location of the CSM around
iPTF13dqy. Yaron et al. (2017) use a size of roughly
1900R⊙, significantly larger than the expected radius of
a red supergiant. For an effective temperature of T =
3500T35 K, the stellar radius is R∗ = 860L
1/2
5
T
−1/2
35
R⊙ for a
luminosity of L = 105L5L⊙, quite consistent with our fidu-
cial model. Figure 1 shows the evolution of the recombina-
tion rate including light travel times but ignoring shadowing
(i.e., Equations 11 and 12) as a function of R∗ for a fixed
shock velocity of vs0 = 10
4 km/s. We compare to the ob-
served Hα emission from iPTF13dqy, normalizing the model
using an unweighted fit to the Hα measurements. The rise
time of the Hα emission is far too slow for the star in our
fiducial model. In fact, the rise time is so slow, that it re-
quires an object with R∗ ≃ 4000R⊙, even larger than used
by Yaron et al. (2017). This result is quite robust against
changes in the shock velocity, increasing by 33% if we dou-
ble the shock velocity and decreasing by 26% if we halve the
shock velocity. The dense material surrounding iPTF13dqy
had to have been in a shell rather than in a wind extending
from the surface of the star.
Yaron et al. (2017) mention the possibility of moving
the inner edge of the wind off the surface of the star to make
a shell, but do not consider it in any detail. Figure 2 shows
the consequences of changing the geometry of the wind. The
wind is now a shell extending from either R∗ or 5R∗ to either
10R∗ or 100R∗. The case of a wind extending from R∗ to
100R∗ is fairly similar to an infinite wind. With our fiducial
R∗ = 821R⊙, an inner edge of 5R∗ ≃ 4100R⊙ reproduces
the rise of the light curve well, as we would expect from
Figure 1. Truncating the wind at 10R∗ cannot reproduce the
late time Hα flux. However, 10R∗ ≃ 6× 1014 cm is the scale
on which Yaron et al. (2017) propose to truncate the wind,
and 100R∗ ≃ 6× 1015 cm is the scale on which Yaron et al.
(2017) argue the wind density must be far lower than closer
to the star.
It is clear, however, that the dropping production rate
of ionizing photons must also play a role since the higher
ionization potential lines seen in iPTF13dqy evolve more
rapidly than the lower ones. As the emission rate Q(t) of
ionizing photons drops, there are eventually too few to bal-
ance recombination in the wind. Since the wind is densest
close to the shock, we can model this by assuming a fully
ionized region extending from the shock to the radius where
the integrated recombination rate equalsQ(t). As this radius
retreats, previously ionized material simply begins to recom-
bine. Additionally, material newly photoionized by the still
expanding shell of radiation from the shock break out begins
to recombine immediately afterwards. Thus, we need to find
the radius Rpi(t) where recombination balances ionization,
Q(t,Ei) = XΓ∞
R∗
Rs(t)
(
1− Rs(t)
Rpi(t)
)
. (15)
This depends on the abundance (by number) of the atom
X and the ionization energy Ei of interest. A more detailed
calculation should also consider the material between the
photosphere and the shock front.
We use X = 1, 0.1 and 5.4 × 10−4 for hydrogen, he-
lium and oxygen, respectively. Using X = 1 for hydrogen,
and simply scaling Equation 15 with X corresponds to the
assumption that all the available electrons are associated
with the ionization of hydrogen and that hydrogen remains
fully ionized until helium and oxygen are effectively neutral.
These simplifications are quite reasonable. We considered
ionization energies of 13.6 eV (hydrogen), 24.6 eV (HeI ion-
ization) 54.4 eV (HeII and OIII ionization), 77.4 eV (OIV
ionization) and 113.9 eV (OV ionization). Note that be-
cause the HeII and OIII ionization energies are so similar,
we should use X = 0.1 for helium in both cases.
We estimate Q(t) using a simple model for the evolution
of the estimated black body temperature, photospheric ra-
dius and luminosity for iPTF13dqy from Yaron et al. (2017).
Using a black body spectrum likely overestimates the num-
ber of ionizing photons for a given effective temperature but
seems adequate for this exploration. We find that the tem-
perature of iPTF13dqy is well-approximated by
TBB(t) ≃ 2500 + 6940
(
10 days
t
)1/2
K (16)
and the photospheric radius is well-approximated by
RBB(t) ≃ 1013.62 + 1015.24 t
t+ 10 days
cm. (17)
The largest discrepancy is for the first epoch at 4 hours
which could be rectified by slightly adjusting the time zero
point. However, the exact properties at this epoch are not
crucial to our discussion. Note that the derivative of RBB(t)
is not expected to be a good estimate of the shock velocity,
so there is no need to reconcile this empirical fit with Equa-
tion 8. The luminosity is simply L = 4πσR2BBT
4
BB . This
allows us to compute the evolving number of photoionizing
photons above energy Ei,
c© 0000 RAS, MNRAS 000, 000–000
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Q(t,Ei) =
15L(t)
π4kT (t)
γ
(
Ei
kT (t)
)
(18)
where
γ(u) =
∫
∞
u
duu2(eu − 1)−1. (19)
We can then combine this with Equation 15 to determine
Rpi(t), and then invert it to determine the time tpi(R) when
material at radius R ceases to be fully photoionized.
Figure 3 shows the resulting evolution of Rpi for these
five cases. Because the number of ionizing photons is drop-
ping exponentially as the photosphere cools, Rpi evolves very
quickly. Over a very short period it drops from a very large
radius to be very close to the shock radius and then asymp-
totically tracks the expanding shock. For the particular pa-
rameters used in Figure 3, it is no longer possible to ion-
ize HeII, OIII, OIV or OVI after roughly 12 hours. After
three days it is no longer possible to ionize HeI, and after
roughly 30 days it is no longer possible to ionize HI. This is
in qualitative agreement with the spectral evolution found
by Yaron et al. (2017), where the oxygen emission lines van-
ish in less than a day while the Hα emission persists.
Given tpi(R), we can then estimate the declining recom-
bination rate given the recombination time of
tr =
4πvwmpR
2
αM˙
= 0.019
vw2R
2
3
α13M˙4
days. (20)
This is also shown in Figure 3 for our standard parame-
ters. If the recombination time is short compared to the
present time, the recombination rate will drop rapidly, and
vice versa. If ∆t = t − tpi(R) is the time since photoioniza-
tion ceased, the recombination rate of helium and oxygen
declines as exp(−∆t/tr) while that of hydrogen declines as
(1+∆t/tr)
2. The difference arises from the assumption that
the electrons are all associated with hydrogen, so that the
recombination time at any radius is constant for helium and
oxygen but steadily becomes longer as the hydrogen ioniza-
tion fraction drops. For the final calculations, we combine
this model for the effects of the declining numbers of ioniz-
ing photons and Equation 8 for the expansion of the shock
with Equation A1 to include the effects of the propagation
delays.
Figure 4 shows the fiducial model for the recombination
rates to OV, OVI, OIII/HeII, HeI and H. The outer envelope
is the same as for Figure 1 but for a shock that is slowing
down as it expands. When the production rate of the nec-
essary ionizing photons drops below that needed to ionize
the wind outside the shock front, the material which has
the shortest recombination times recombines first, leading
to a rapid initial drop in the recombination rates followed
by a tail produced by material with longer recombination
times and the continuing photoionization of new material by
the still expanding radiation front. Like the Hα comparison
in Figure 1, everything occurs earlier in this fiducial model
than was observed for iPTF13dqy – the evolution of all the
lines requires that the material dominating the emission is
detached from the stellar surface.
3 RADIATIVE ACCELERATION: BROAD
LINE WINGS WITHOUT THOMSON
SCATTERING
Yaron et al. (2017) argue that an eruption is needed to pro-
duce a CSM dense enough to explain the broad wings of the
narrow emission lines seen for the first several days using
Thomson scattering. Here we note that radiative accelera-
tion of the wind by the shock break out pulse from an RSG
will also naturally produce such line profiles independent of
the wind density. The break out radiation has energy Ebo
and hence momentum Ebo/c. For a Thomson optically thin
wind, an electron at radius R will capture EboσT /4πcR
2 of
this momentum. For a Solar ratio of hydrogen and helium,
the mean mass per electron is αmp with α = 1.17, leading
to a velocity of EboσT /4πcαmpR
2. We can safely assume
that the medium is ionized because photoionization cross
sections are much larger than Thomson and recombination
rates are much slower than Thomson scattering rates. After
the break out radiation pulse has passed, a wind starting
with constant velocity vw now has the velocity profile
v(r) = vw + v∗
(
R∗
r
)2
(21)
scaled to the velocity v∗ at the stellar surface. This will
trigger a hydrodynamic response, but we can view the ve-
locity profile as fixed for the short period of time we con-
sider here. That radiative acceleration produces such veloc-
ity profiles has been considered previously, but always in
the context of line profiles modified by Thomson scatter-
ing in Type IIn SNe at much later times (e.g., Chugai 2001,
or Huang & Chevalier 2018 more recently). There seems not
to have been a discussion of this radiative acceleration effect
on the recombination line profiles independent of the Thom-
son optical depth (it may implicitly be included in Chugai
(2001), but the focus is on the Thomson scattering). It cer-
tainly has not been considered in these early phases where
light travel times are also relevant.
Using the n = 3/2 results from Matzner & McKee
(1999), the break out energy is roughly
Ebo ≃ 6κ−0.87e ρˆ−0.086E0.5651 M−0.44e10 R1.743 × 1048erg (22)
where κe is the opacity in units of 0.34 cm
2/g (i.e., Thom-
son), ρˆ−0.086 ≃ 1, and the remaining quantities were defined
in §2. This sets a velocity scale of
v∗ =
EboσT
4πcαmpR2∗
(23)
≃ 11000κ−0.87e ρˆ−0.086E0.5651 M−0.41e,10 R−0.26∗3 km/s,
which is remarkably high. The acceleration period lasts
roughly an hour for a red supergiant, and we ignore this
initial transient phase. Since the SN shock is essentially ex-
panding at close to v∗, the temporal window for seeing ve-
locities close to v∗ is short.
Given the velocity profile established by the radiative
acceleration, and the observed (i.e., including time delays)
locations of the shock and the radiation pulse (Equation 10),
we can compute the expected shape of the emission line pro-
file as a function of time. Here we include the shadowing of
the CSM by the expanding shock, as this has significant
effects on the line shapes. Figure 5 shows the evolution of
the line peak, vp, the mean velocity, 〈v〉, and the dispersion
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Figure 6. The Hα emission line (black curves) of iPTF13dqy in velocity space with the flux normalized to a peak of unity in the first
epoch (upper left) and then following its evolution to 8.8 days. The heavy red curve shows a radiative acceleration plus recombination
model for the evolution of the line for a ρ ∝ 1/r2 wind extending from R∗ to 104R∗. The light solid lines show the contributions from
radial regions of 1.67-2, 2-2.5, 2.5-3.33, 3.33-5, 5-10 and 10-104R∗ around the star, defined so that the recombination line fluxes of each
region when fully ionized equal 10% of the flux of a fully ionized wind extending from the star’s surface. Regions closer to the star
have broader velocity profiles. Regions make no contribution when either fully inside the observed shock radius or outside the expanding
photoionized region. Time delays and shadowing of the CSM by the expanding shock are included and lead to the line asymmetries. The
velocity is the width of the top hat used to model instrumental resolutions.
in velocity, σ, for a wind speed vw = 0. The velocities are
scaled by v∗, and both the line peak and the mean velocity
are blue shifted. If we measure time in units of the stel-
lar light crossing time, ct/R∗, the profiles depend only the
shock speed relative to the speed of light, β = vs/c, and we
show results for β = 0.01, 0.03, and 0.1. The mean and the
dispersion in velocity decrease as the shock speed increases
because the fastest moving parts of the CSM are shocked
earlier. The Doppler shift of the line peak is nearly inde-
pendent of β. Figure 5 also shows the conversion to hours
assuming our fiducial stellar radius. For a decelerating shock,
Figure 5 can be interpreted using the mean shock velocity,
β = (Rs(t)−R∗)/ct = 〈v〉/c. This (safely) ignores decelera-
tion of the shock on a light crossing time.
Figure 6 shows the expected line evolution for a con-
stant velocity wind extending from R∗ to 10
4R∗ with
R∗ = 821R⊙, vw = 76 km/s, vs = 20000 km/s and
v∗ ≃ 11000 km/s based on Eqn. 24. The times are chosen
to match the Keck spectroscopic observations of iPTF13dqy
by Yaron et al. (2017). They are smoothed with a 100 km/s
top hat to approximate the effects of finite spectral resolu-
tion, and normalized to a peak of unity in the first epoch.
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To illustrate the regions responsible for the line shape, we
show the contributions from radial regions that when fully
ionized will produce 10% of the recombination radiation of
a fully ionized wind. The chosen annuli are 1.67-2, 2-2.5,
2.5-3.33, 3.33-5, 5-10 and 10-104R∗. Regions closer to the
star are swept over by the shock very quickly and have such
broad velocity widths that they would be very difficult to
separate from the continuum emission.
At the earliest epoch, the line flux is dominated by very
broad wings from regions close to the star, with little con-
tribution from the outermost annulus. The narrow peak is
blue-shifted because the most redshifted material is shad-
owed by the shock and because of the near/far asymmetry
in the observed photoionized region (Eqn. 10). This also
leads to a line asymmetry with more blue than red flux at
higher velocities. The lines narrow and the blue shifts dimin-
ish as the shock passes over the most accelerated material
and the photoionization front reaches larger radii. The peak
recombination flux, as discussed in §2, occurs at intermedi-
ate times. Note that these line profiles are independent of
the Thomson optical depth of the CSM, they are purely due
to the radiative acceleration.
For comparison, we show the spectra of the Hα re-
gion from Yaron et al. (2017). We obtained the spectra of
iPTF13dqy from the WISeREP (Yaron & Gal-Yam 2012)
repository. We corrected for redshift, using the line center
in the Keck/Deimos 5.1 day spectrum to define zero veloc-
ity. The mean fluxes in windows adjacent to the line were
used to subtract a linear continuum. These windows are suf-
ficiently far removed from the line center that they should
be little contaminated even by very broad line wings. This
model for the continuum works reasonably well, although
there are several epochs where the continuum is not very
flat.
The models qualitatively reproduce the evolution of the
spectra even though we made no adjustments to the param-
eters. The observed line profiles are somewhat less asymmet-
ric and the early-time peaks are less blue-shifted (≃ 80 km/s
versus≃ 150 km/s at 6.2 hr), and either a larger v∗ or a lower
vs would help to keep the lines broader for longer. Allowing
the shock to decelerate would also keep the lines broader
for a longer period of time. One could also increase v∗ while
having less material near the star, a solution suggested by
the slow rise time of the Hα emission. Since in §4 we will
propose a very different explanation and more geometrically
complex solution, we did not attempt to optimize the model.
Many of these effects would have a similar effect on the
line profiles produced by Thomson scattering. For exam-
ple, the optical depth is largest, and so the scattering wings
broadest, at early times. The near/far asymmetry produced
by the time delays and the shadowing by the shock would
again produce blue/red asymmetries in the line profiles. The
Thomson optical depth of the CSM will scale as τ0R∗/Rs
where Rs is the shock radius, and the scattering wings will
have a width ∼ veτ assuming a random walk in velocity
space (i.e., N ∼ τ 2 scatterings) with ve ≃ 103 km/s for elec-
trons with T ≃ 20000 K. The optical depth changes little
over the first four epochs, dropping by only 20% between 6.2
and 10.1 hours for our fiducial parameters, but then falling
rapidly to 0.24τ0 and 0.11τ0 by 2.1 and 5.2 days. As the
optical depth drops, the lines become narrower.
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Figure 7. The efficiency factor Γc/Γb from Equation 33 as a
function of the relative wind speeds α = va/vb for a range of
wind momentum ratios β = M˙ava/M˙bvb for recombination in a
thin shock created by colliding winds relative to recombination in
the winds of the binaries starting at a radius equal to the binary
separation.
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Figure 8. The recombination light curves for a β = 1 colliding
wind with D/2 = 4000R⊙, R∗ = 821R⊙ and vs0 = 104 km/s.
The three curves correspond to putting the secondary along the
line of sight to the primary (fastest rise), perpendicular to the
line of sight (middle) and on the far side of the primary (slowest
rise). No other light travel time effects are included. The points
are the observed Hα light curve from Yaron et al. (2017), and the
curves are normalized to fit the equally weighted observations.
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4 A COLLIDING WIND
If we take the LBT and X-ray evidence at face value, RSGs
do not have pre-SN outbursts, so we require an alternate ex-
planation. While radiative acceleration can naturally explain
the broad line wings without the need for a medium opti-
cally thick to Thomson scattering, the recombination flux
(Equation 2) still requires a high density CSM. To avoid the
need for a pre-SN eruption, we need a mechanism to increase
the recombination rate given a mass loss rate normally as-
sociated with an RSG. This requires a means of producing
a denser medium than expected for such a wind, with a
shell-like structure to explain the rise time and the lack of
radio/X-ray emission at late times.
We expect a large fraction of SNe to occur in bina-
ries, where the binary companion will typically be a hot-
ter, main sequence star (see, e.g., Kochanek 2009). Such
stars have relatively low M˙ , high velocity winds, so pho-
toionizing the wind of the secondary also cannot produce
the observed line fluxes. However, the secondary also modi-
fies the winds. In particular, there is a shocked boundary
layer created by the collision of the winds from the two
stars. In many Wolf-Rayet binaries, the shocked material
cools to the point of dust formation (e.g., Tuthill et al. 1999
Monnier et al. 1999, Monnier et al. 2002, Dougherty et al.
2005, Tuthill et al. 2008, Williams et al. 2009), which means
that the density must far exceed the density a wind would
have at such a distance from an isolated star. Since recombi-
nation is a n2 process, this can greatly enhance the recombi-
nation rate over expectations for a smoothly expanding wind
in the same way that clumping in stellar winds can signif-
icantly enhances line strengths for a given mass loss rate
(e.g., Puls et al. 2008). While we focus on colliding winds
because there is an elegant analytic model, hot secondaries
can produce similar effects without any wind because of the
HII region that they form in the wind of the primary (see the
α Sco models of Braun et al. 2012 and the short discussion
in Appendix B).
Canto et al. (1996) present an analytic solution for the
geometry and surface density of an axisymmetric colliding
wind based on mass and momentum conservation and as-
suming that efficient cooling makes the shocked region “in-
finitely” thin. Star a (the primary) is at the origin and star
b (the secondary) lies at a distance D along the z axis. Rel-
ative to star a geometry provides the relation
R(θa) = D sin θb csc (θa + θb) = Df(θa) (24)
where θa is a spherical polar angle centered on star a with
θa = 0 pointing to star b and θb is a spherical polar angle
centered on star b with θb = 0 pointing to star a. Mass and
momentum conservation lead to the constraint that
θb cot θb = 1 + β (θa cot θa − 1) (25)
where β = M˙ava/M˙bvb is the ratio of the wind momenta.
The surface density in the shock is then σ(θa) = σ0g(θa)
where σ0 = M˙a/2πβvaD, and g(θa) = A/B with
A = sin (θa + θb) csc θa csc θb ×
[β (1− cos θa) + α (1− cos θb)]2 , (26)
B2 = [β (θa − sin θa cos θa) + (θb − sin θb cos θb)]2 +[
β sin2 θa − sin2 θb
]2
and α = va/vb.
We can estimate the recombination rate associated with
the wind interface as follows. First, we assume that the layer
has constant fractional thickness, ∆ = ǫR(θa) = ǫDf(θa),
relative to the distance from the primary. This makes the
gas density ρ = σ0g(θa)/∆. We also need the area element
of the shock surface,
dA = 2πD2f(θa) sin(θa)
[
f(θa)
2 +
(
df(θa)
dθa
)2]1/2
dθa.(27)
The recombination rate per unit area is αRρ
2/µ2m2p∆, and
the total is
Γc =
2παRσ
2
0D
ǫµ2m2p
h(α, β) (28)
where
h(α, β) =
∫
dθa
ǫDg2(θa)f(θa) sin(θa)
∆
[
f2 +
(
df
dθa
)2]1/2
(29)
which for our assumed scaling of the thickness is
h(α, β) =
∫
dθag
2(θa) sin(θa)
[
f2 +
(
df
dθa
)2]a/2
. (30)
For winds of equal momentum (β ≡ 1), this becomes
h(α, β ≡ 1) = 16(1 + α)4
∫
dθa
sin6(θa/2) tan(θa/2)
(2θa − sin θa)2 (31)
which is h(α, β ≡ 1) ≃ 0.12(1 + α)4 when integrated over
the full shock (0 ≤ θ1 ≤ π/2).
The overall scale can be made clearer by normalizing
the recombination rate to the rate which would be produced
by the two stellar winds starting from a radius equal to the
binary separation D,
ΓD =
αR
4πµ2m2pD
(
M˙2a
v2a
+
M˙2b
v2b
)
. (32)
This is less than the rate for an individual star of radius R∗
(Equation 1) byD/R∗. Given this scaling, the recombination
rate from the wind collision region becomes
Γc = ǫ
−1ΓD
2h(α, β)
α4 + β2
. (33)
This function is shown in Figure 7. As required, the result
is unchanged if the labels of the two stars are reversed (α→
α−1 and β → β−1). For equal momentum winds (β ≡ 1)
this becomes
Γc =
8αR(1 + α)
4M˙2a
ǫπDµ2m2pv2a
∫
dθa
sin6(θa/2) tan(θa/2)
(2θa − sin θa)2 (34)
which when integrated over the shock is
Γc ≃ 0.29(1 + α)
4
ǫ
[
αRM˙
2
a
4πv2wµ2m2pD
]
(35)
where the term in brackets is the same as in Equation 1 for
a star of radius D.
If we now equate this to the peak Hα flux (see §2), then
M˙a ≃ 3.5va2ǫ1/2D1/24 α−1/2Hα13 × 10−3M⊙/year (36)
where D = 104D4R⊙ places the shock at the right dis-
tance to explain the rise time of the line fluxes, the Hα
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rate is scaled to αHα = 10
−13αHα13 cm
3/s correspond-
ing to a temperature of roughly 104 K (e.g., Draine 2011),
and we have assumed that the primary is a red giant
with a slow wind (va = 100va2 km/s) and the secondary
is a hot main sequence star with a lower mass loss rate
(M˙ ∼ 10−10M⊙/year) but a very high wind velocity (vb ≃
103 km/s). This means that the RSG wind wind has far
more momentum and we have β ≃ 100 and α ≃ 10−2. Ex-
amining Figure 7, we see that this reduces the dimensionless
factor in Equation 28 by a factor of 20 and so requires an
increase in the mass loss rate of a factor of 4-5 to get the
same recombination rate.
Finally, we assume that the shock collision region cools
as it does in the colliding wind Wolf-Rayet binaries. The
surface density at the stagnation point (the position of the
interface on the axis separating the stars) is σs = 3(1 +
α)2β1/2σ0/8, so the density is
ρs =
3(1 + α)2(1 + β1/2)M˙a
16πǫβvaD2
. (37)
Equating the pressure in the layer ρskT/µmp to the incom-
ing ram pressure from the RSG we find that
ǫ =
3(1 + α)2
2(1 + β1/2)
kT
µmpv2a
≃ 0.06µ−1v−210 T3 (38)
for β = 1 and α ≃ 0 with the pre-factor dropping to 0.01 for
β = 102 and α ≃ 0 so that
M˙a ∼ D1/24 T 1/23 α1/2Hα13 × 10−4M⊙/year. (39)
While still high, this is now in the regime of RSG winds and
largely avoids the late-time emission limits from Yaron et al.
(2017). The required M˙ can be driven downwards by includ-
ing the photoionization of the winds of the primary by the
secondary (Appendix B), which should be similar to making
β closer to unity, or by scaling the thickness ∆ of the inter-
face with radius more slowly than as a constant fraction of
the radius.
5 DISCUSSION
In this paper we introduce three general points about flash
spectroscopy and the potential effects of binarity on inter-
pretations of flash spectroscopy. The first general point (§2)
is that the time-dependent flux of the low ionization lines
determines the size of the star. In particular, the flux peaks
at tpeak ≃ R∗
√
2/cvs0 (Eqn. 13) where R∗ is the stellar ra-
dius and vs0 is the shock speed. The time tpeak is a trade off
between the outgoing radiation pulse from the shock break
out ionizing more material and the outgoing shock front run-
ning over the ionized material. The decreasing temperature
of the radiation field eventually cuts off the line emission,
with the emission from high ionization energy lines being
cut off earlier than low ionization energy lines. This means
that the hydrogen Balmer lines will be the best probes of
the size of the emission region.
The second general point (§3) is that flash spectroscopy
observations should always find broad line wings at early
times. For Type II SNe with giant progenitors, radiative ac-
celeration produces broad wings independent of the Thom-
son optical depth of the CSM. For stripped envelope SNe,
radiative acceleration is much less effective because far
less energy is associated with the shock break out (e.g.,
Matzner & McKee 1999), but the line-accelerated winds ex-
pected for the progenitors of stripped envelope SNe will in-
trinsically possess broad wings. Detection of broad wings
in flash spectroscopy of Type II SNe are thus a test of the
predicted energetics of shock break out radiation. Since the
velocity profile created by radiative acceleration is ∝ r−2,
the lines will narrow quite rapidly as the shock front runs
over the fastest material.
The third general point (§4) is that many SN occur in
binary systems (e.g., Kochanek 2009) and binaries sculpt the
winds of the primary through both their winds and their
production of ionizing radiation. In particular, the winds
from the two stars collide, producing a boundary layer sep-
arating the two winds (e.g., Canto et al. 1996). The shock
collision regions are directly observed in some Wolf-Rayet
binaries (e.g., Monnier et al. 1999, Monnier et al. 2002,
Dougherty et al. 2005, Tuthill et al. 2008, Williams et al.
2009). More importantly, these systems form dust, which
means that the gas must cool to produce a very dense,
cold layer, shielded from the harsh radiation environment
produced by the Wolf-Rayet stars. Cooling in the shock
provides a source of high density material that can pro-
duce flash spectroscopy recombination rates that neither
star could produce in isolation. It is likely that the sculpt-
ing of the CSM by the winds and photoionizing fluxes
of secondary companions explains many of the deviations
seen in X-ray (e.g., Dwarkadas & Gruszko 2012) or radio
(e.g., Margutti et al. 2017 or Chandra 2018) light curves
from the expectations for a simple ρ ∝ r−2 wind. Detailed
simulations are needed to follow the fully-developed “pin-
wheel” shock geometry created by orbital motions (e.g.,
Stevens et al. 1992, Parkin & Pittard 2008, Lamberts et al.
2011, Lamberts et al. 2012).
We also discuss these effects for the specific exam-
ple of iPTF13dqy, an otherwise normal Type IIP SNe
where Yaron et al. (2017) use their flash spectroscopy re-
sults to argue for a short lived, high mass loss rate (M˙ ∼
10−3M⊙/year) pre-SN eruption that produced a dense CSM
surrounding the star. We were driven to search for an al-
ternate explanation because at least two lines of evidence
indicate that normal Type IIP SNe do not have such erup-
tions: (1) the absence of such events for 4 normal Type II
SNe (Kochanek et al. 2017, Johnson et al. 2017) in the LBT
search for failed supernovae (Gerke et al. 2015, Adams et al.
2016) and (2) the absence of X-ray emission from normal
Type IIP SNe (e.g., Dwarkadas 2014).
First, the time evolution of iPTF13dqy’s Hα light curve
requires that the dense CSM starts at ∼ 4000R⊙ and so
must be detached from the star. Moreover, the continued
Hα emission after ∼ 5 days requires that the dense CSM ex-
tends to the radial scales where Yaron et al. (2017) propose
that it is truncated. Second, the broad line wings are cre-
ated by radiative acceleration and confirm the energy scale
of Ebo ∼ 1040 erg predicted by theoretical models of shock
break outs from RSGs. The broad line wings are not evi-
dence of a CSM optically thick to Thomson scattering. Both
the evolution of the line fluxes and the line profiles appear
to require a more complicated geometry than a simple wind
extending from the stellar surface and the line fluxes still
require the existence of a denser CSM than a normal RSG
wind. The geometry and the line fluxes are both consistent
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with the progenitor having a relatively normal RSG wind
which is swept up into a dense, cooling layer by the wind of a
secondary to produce a much higher recombination rate than
would be expected for an isolated wind. Because the wind
densities are much lower than invoked by Yaron et al. (2017)
and the geometry of the dense shell (“paraboloidal”) is dif-
ferent from the geometry of the expanding shock (“spheri-
cal”), there is no difficulty staying under the later time limits
on X-ray or radio emission from the system.
These points also explain the peculiarities of the
Type IIb SN iPTF13ast (SN 2013cu, Gal-Yam et al. 2014).
Like iPTF13dqy, flash spectroscopy of iPTF13ast showed
broad wings which Gal-Yam et al. (2014) interpret as be-
ing intrinsic to a pre-SN, fast (∼ 103 km/s) Wolf-Rayet-
like wind because their model of the wind is Thomson op-
tically thin and so cannot produce the wings by scatter-
ing. Gal-Yam et al. (2014) cite SN 2008x as an example of
a Type IIb with a Wolf-Rayet progenitor (Crockett et al.
2008), but this hypothesis is incompatible with more re-
cent observations (Folatelli et al. 2015). The best-studied
progenitors of Type IIb SN are all yellow supergiants (e.g.,
SN 1993J and SN 2011dh, Aldering et al. 1994, Maund et al.
2011, Van Dyk et al. 2011) which should have far slower
wind speeds than Wolf-Rayet stars since stellar wind speeds
are generally comparable to stellar escape velocities. More-
over, yellow supergiants are unlikely to have line driven
winds because they are too cool (e.g., Lamers & Cassinelli
1999).
For iPTF13ast, we have no information about the rise
time of the line emission, although it would be very rapid for
a compact progenitor because the star is so small. Radiative
acceleration does, however, provide a natural explanation
for the broad line wings, obviating the need for a fast pre-
existing wind. With the reduced wind speed, the mass loss
rates become more reasonable than the M˙ ∼ 10−2M⊙/year
implied by the recombination rate and vw ∼ 103 km/s.
Moreover, most models of Type IIb SNe invoke binary mass
transfer (e.g., Maund et al. 2004, Benvenuto et al. 2013,
Bersten et al. 2014 but see Maund et al. 2015), which can
again provide a high density region to boost the recombi-
nation rates above those for an isolated star with the same
mass loss rate.
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APPENDIX A: INCLUDING TIME DELAYS
The effects of light propagation times can be incorpo-
rated relatively easily using the parabolic coordinates x =
στ cosφ, y = στ sinφ and z = (τ 2 − σ2)/2. The radius
is r = (σ2 + τ 2)/2, and for an observation at time t the
light was emitted at time t − σ2/c. The volume element is
dV = στ (σ2 + τ 2)dσdτdφ. The recombination rate of the
system compared to that of a fully ionized wind starting at
the stellar surface is (Γ = Γ∞f(t))
f(t) =
R∗
4π
∫
dV
r4
g(r, t) = 8R∗
∫
στg(r, t)dσdτ
(σ2 + τ 2)3
(A1)
where g(r, t) represents any time-dependent recombination.
The limits of integration are from σs to σbo where 0 =
2Rs(σs)−σ2s and 0 = 2Rbo(σbo)−σ2bo. For a given σ the limits
on τ are from τ 2 = max(0, 2Rs(σ)−σ2) to τ 2 = 2Rbo(σ)−σ2.
If there is no additional function g(r, t), the τ integral
is analytic in terms of Rs(t) and Rbo(t),
f(t) =
R∗
2
∫ σs
0
σdσ
(
1
Rs(σ)2
− 1
Rbo(σ)2
)
+
R∗
2
∫ σbo
σs
dσ
(
4
σ3
− σ
Rbo(σ)2
)
(A2)
For inner and outer radii expanding at vs and c, respectively,
only the first integral contributes for t < 2R∗/c with σ
2
s = ct.
At later times, σ2s = 2(R∗ + vst)/(1 + 2vs/c) and σ
2
bo =
2(R∗ + ct)/3). This provides the analytic solution given in
Equations 11 and 13.
APPENDIX B: HII REGIONS FROM
SECONDARIES
Hot main sequence stars may have lower momentum winds
than RSGs, but they also produce ionizing photons which
enhance their ability to perturb the RSG wind by driving the
formation of an HII region around the secondary. Outside of
Braun et al. (2012), there seems to be no discussion of this
physical effect. The natural scale for the ionizing flux from
the secondary is ionizing photon production rate needed to
fully ionize the primary’s wind,
Qcrit =
M˙2αR
4πv2wµ2m2pR∗
≃ 1.7µ−2M˙24α13v−2w10R−1∗3 ×1051s−1.(B1)
This means that an 05 (B0) companion produces enough
ionizing photons to fully photoionize a wind with M˙ ≃
10−5M⊙/year (10
−6M⊙/year). As a toy model, suppose the
secondary produces ionizing photons at rate Q and we as-
sume the density distribution along the line from the pri-
mary to the secondary is unperturbed by the photoioniza-
tion. In this case, the radius of the equilibrium photoioniza-
tion front from the primary is
r
R∗
=
[
Q
Qcrit
+
R∗
D
]−1
(B2)
where D is again the binary separation. For comparison,
the stagnation point of the colliding wind shock is at Rs =
Dβ1/2/(1+β1/2). In short, a hot main sequence companion
without a wind can likely perturb the wind from the RSG
almost as effectively as one with a fast, low density wind. In
practice, both effects will be present.
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